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ABSTRACT

We model Pop III star formation in different FUV and X-ray backgrounds, including radiation feedback from protostars. We
confirm previous results that a moderate X-ray background increases the number of Pop III systems per unit cosmological
volume, but masses and multiplicities of the system are reduced. The stellar mass function also agrees with previous results,
and we confirm the outward migration of the stars within the protostellar discs. We find that nearly all Pop III star systems are
hierarchical, i.e. binaries of binaries. Typically, two equal-mass stars form near the centre of the protostellar disc and migrate
outwards. Around these stars, mini-discs fragment forming binaries that also migrate outwards. Stars may also form at Lagrange
points L4/L5 of the system. Afterwards, star formation becomes more stochastic due to the large multiplicity, and zero-metallicity
low-mass stars can form when rapidly ejected from the disc. Stars in the disc often have eccentric orbits, leading to a periodic
modulation of their accretion rates and luminosities. At the pericentre, due to strong accretion, the star can enter a red-supergiant
phase reaching nearly Eddington luminosity in the optical bands (map ~ 34 for a 100 Mg, star at z = 6). During this phase,
the star, rather than its nebular lines, can be observed directly by JWST, if sufficiently magnified by a gravitational lens. The
~10000 AU separations and high eccentricities of many Pop III star binaries in our simulations are favourable parameters for
IMBH mergers — and gravitational waves emission — through orbital excitation by field stars.

Key words: gravitational waves —binaries: general — stars: formation — stars: Population III — dark ages, reionization, first stars —

X-rays: diffuse background.

1 INTRODUCTION

The JWST and next-generation observatories, such as Nancy Grace
Roman Space Telescope (NRST), will enable us to observe and study
the properties of high-z galaxies and perhaps discover the first metal-
free stars (or Pop III stars). The properties of the first generation of
galaxies are sensitive to the poorly constrained models of Pop III star
formation because the first stars enrich and spread in the intergalactic
medium the first heavy elements (Ricotti, Gnedin & Shull 2002a, b;
Greif etal. 2010; Wise et al. 2012; Safranek-Shrader, Milosavljevi¢ &
Bromm 2014; Chiaki, Susa & Hirano 2018; Abe et al. 2021) that
enable and regulate the formation of the second-generation stars.
One of the key properties of Pop III stars is their initial mass
function (IMF). The mass determines the luminosity of the stars
(Schaerer 2002), therefore the strength of their UV feedback (FB)
which blows out the gas in the host haloes (Wise & Abel 2008), but
also their metal yield and the SN/hypernova explosion energy (e.g.
Nomoto et al. 2006). For instance, Pop I11 stars are thought to explode
as pair-instability supernovae (PISNe) if their masses are 140 Mg <
M < 260 Mg (Heger & Woosley 2002). The death of these massive
stars as hypernovae/PISNe is detectable by JWST or NRST (Whalen
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et al. 2014), thereby providing constraints on the number and typical
masses of Pop III stars.

Another poorly known but important aspect of Pop III stars is their
multiplicity. The formation of multiple Pop III protostars systems
has been observed in high-resolution simulations (Stacy, Greif &
Bromm 2010; Clark et al. 2011; Stacy & Bromm 2013; Sugimura
et al. 2020), offering a channel of formation of intermediate-mass
binary black holes (BBHs). Given the large remnant masses of Pop
IIT stars, the primordial origin of mergers of BBHs detected by
VIRGO and LIGO collaboration (Abbott et al. 2016, 2017) is an
open possibility, although the expected merger rates are small and
uncertain (Hartwig et al. 2016). Pop III binaries can also evolve
to high-mass X-ray binaries (HMXBs) which emit X-ray photons.
Owing to their long mean free paths, X-rays produce background
radiation that can efficiently heat and partially ionize the intergalactic
medium and thus have important effects on galaxy formation and
reionization (Haiman, Abel & Rees 2000; Oh 2001; Venkatesan,
Giroux & Shull 2001; Glover & Brand 2003; Ricotti & Ostriker 2004;
Ricotti, Ostriker & Gnedin 2005; Mirabel et al. 2011; Jeon et al. 2014;
Xu et al. 2014). Whether HMXBs are a dominant source of X-rays in
the early universe depends on the number of Pop III binaries (Stacy &
Bromm 2013; Hummel et al. 2015) and therefore the properties
of primordial protostellar discs leading to their fragmentation and
the formation of multiple Pop III star systems. Prediction of the
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typical masses and multiplicity of Pop III stars requires modelling
several physical processes. One of them is the unknown intensity
of the X-ray radiation background that must be present because of
the unavoidable emission by Pop III supernovae, but also HMXBs
and accreting intermediate-mass black holes (Park & Ricotti 2011).
X-ray photons boost molecular hydrogen (H,) formation in the
gas phase by partially ionizing the intergalactic medium as shown
by various authors (Haiman et al. 2000; Ricotti, Gnedin & Shull
2001; Venkatesan et al. 2001; Ricotti 2016). These authors claimed
that an X-ray background may compensate the negative FB of H,-
dissociating photons in Lyman—Werner (LW) bands. The impact of
X-ray irradiation on the typical masses and multiplicity of Pop III
stars was first studied in the seminal work of Hummel et al. (2015).
However, their conclusion was that X-rays play a minor role in Pop
III star formation. On the other hand, in Park, Ricotti & Sugimura
(2021a) and Park, Ricotti & Sugimura (2021b, Paper I and Paper 11
hereafter), using a set of hydrodynamics simulations we showed that
an X-ray background can increase the number of minihaloes forming
Pop I1I stars but at the same time it reduces their typical masses and
multiplicity.

An important physical process affecting the final masses of Pop 111
stars is the FUV and EUV radiative feedback (hereafter, RFB!) from
the stars themselves. Protostars emit FUV photons in the LW bands
that can dissociate H; in the protostellar disc, and hydrogen ionizing
EUYV photons that erode and evaporate circumstellar discs, eventually
terminating the gas accretion onto them, hence determining their final
masses (e.g. McKee & Tan 2008; Hosokawa et al. 2011). The impact
of RFB on Pop III star formation was studied in various minihaloes
by several authors (McKee & Tan 2008; Whalen et al. 2008; Stacy,
Greif & Bromm 2012; Hirano et al. 2014; Stacy & Bromm 2014;
Hirano et al. 2015; Hosokawa et al. 2016; Sugimura et al. 2020;
Latif, Whalen & Khochfar 2022). In Paper I and II, we studied the
effect of X-rays on Pop III star formation but we did not directly
simulate RFB by UV radiation from protostars, instead we used an
empirical relationship by Hirano et al. (2015, hereafter HR15) to
estimate the effect of UV FB and the final masses of Pop III stars. In
this work, we build on the results in Paper I and II by simulating
the combined effect of RFB and an external X-ray background.
This is the first study investigating the masses and multiplicity of
Pop 111 stars regulated by RFB in different X-ray and LW radiation
backgrounds.

A physical process that is potentially important in the presence of
a strong X-ray background is gas cooling by hydrogen-deuteride
(HD) molecules. Thanks to its small dipole moment HD is an
efficient coolant in the early universe (Lipovka, Nufiez-Lépez &
Avila-Reese 2005; Galli & Palla 2013) and enables the primordial
gas to cool down to a few tens of Kelvins. Cooling by HD,
therefore, can lower the mass of Pop III stars down to a few
~10 Mg (Nagakura & Omukai 2005). This effect is thought to
be important in the formation of second-generation Pop III stars
rather than the first-generation.” For instance, Pop III stars forming
in the gas previously ionized by other Pop III stars (recombining
H1 regions, see Ricotti et al. 2001) have lower masses due to
the enhanced HD formation and cooling (Yoshida et al. 2007).
Cosmic rays (Nakauchi, Inayoshi & Omukai 2014) and/or an X-
ray background (Jeon et al. 2014; Hummel et al. 2015), can also

'Both X-ray/LW background radiation and protostellar radiation effects are
called ‘feedback’, but we term only the latter 'RFB’.
2Sometimes they are called Pop II1.2 and Pop IIL1 in the literature, but we
do not make a distinction between them in this work.
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boost the abundance of HD to allow significant cooling to low
temperatures.

In this work, we explore the formation and evolution of Pop III
protostars in primordial discs regulated by RFB from protostars, also
exploring the effects of HD cooling, irradiated by different intensities
of an external LW and X-ray backgrounds. This includes their mass
growth and motions in the discs. We simulate, with higher resolution
with respect to our previous work, a subset of the grid of simulations
presented in Paper I and II, either including or excluding RFB from
the accreting protostars. We run the simulations for about 100 kyr
after the formation of the protostar, a time comparable to the accretion
time-scale of the protostars (HR15).

The rest of the paper is structured as follows. In Section 2
we introduce our simulations and methods with emphasis on the
improvements with respect to Paper I and Paper II. In Section 3,
we present the results of the simulations and discuss RFB effect in
each. In Section 4, we discuss the effects of including HD cooling.
In Section 5, we discuss the implication of our results. In Section 6,
we summarize the paper and present the key results.

2 SIMULATIONS

The simulations in this paper are run with the adaptive mesh
refinement (AMR) radiative hydrodynamics (RHD) code RAMSES-
RT (Teyssier 2002; Rosdahl et al. 2013). RAMSES-RT has been used
in RHD simulations of galaxy formation (e.g. Katz et al. 2017;
Kimm et al. 2017) and metal-rich star formation (e.g. He, Ricotti &
Geen 2019, 2020; Commergon et al. 2022; Han et al. 2022). To our
best knowledge, our simulations are the first ones carried out with
RAMSES-RT to model RFB from Pop III protostars. For this reason,
in this section we describe in detail the relevant physics modules we
added to the code to simulate Pop III star formation.

2.1 Grid of cosmological initial conditions and zoom-in
simulations

Pop III star formation occurs in a protostellar disc and therefore
the disc must be resolved with a high spatial resolution (~ AU)
in the simulation. Therefore, to resolve the disc in a cosmological
simulation we need to cover a prohibitively large dynamical range
(from Mpc to AU). To circumvent this problem, we use the same
approach taken in several previous studies (Smith et al. 2011; Hirano
etal. 2014; HR15; Sugimura et al. 2020). First, we run cosmological
zoom-in simulations as in Paper I and Paper II. These include
simulations of three haloes of different masses irradiated by various
LW and soft X-ray background intensities (see Paper I for details
of the setup). We also include some previously neglected physics
(HD cooling and X-ray self-shielding) described below. We stop
the zoom-in simulations when the central hydrogen number density
reaches ny ~ 107 H cm™ or at z ~ 10. Fig. 1 shows the redshift
when the gas density in the haloes reaches ny ~ 107 H cm™ for a
grid of simulations with different intensities of the LW background
(x-axis) and X-ray background (y-axis) for two haloes. Within this
set of low-resolution simulations we pick a few representative cases
to continue running further following the formation and growth of
the protostars under the effect of RFB. We choose five simulations
for Halo 2 (labelled from A to E in the left-hand panel of Fig. 1) and
three from Halo 3 (F, G, and H, right-hand panel). From A to E have
increasing X-ray intensities in general but B and C have the same
with different LW intensities. D and E belong to the strong X-ray
case (Jxo, 21 > 1073) in Paper I and Paper II. F, G, and H from Halo
3 have zero and intermediate X-ray intensities (Jxo 21 = 0, 1073,
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Figure 1. Redshift of collapse to a hydrogen number density ny = 107 H cm™ as a function of LW and X-ray background intensities. The left-hand and
right-hand panels are the results of Halo 2 (Mg ~ 5 x 10° Mg at z = 15) and Halo 3 (Mg ~ 7 x 10° Mg at z = 15), respectively. The white lines show the
interpolated contour plot of constant redshifts of collapse. The labels (A to H) refer to the simulations in Table 1, see the text.

and 107, respectively). We do not show the results for the strong
X-ray case in Halo 3 (Jxp, 21 = 1073) because accidentally this halo
experienced a recent merger near the time of Pop III stars formation.
Therefore, the star formation properties do not follow the expected
trends with X-ray intensity. Studying the effects of a major merger is
beyond the scope of this paper and will be studied in future work. To
see potential LW background effects, we select two simulations with
a non-zero LW background (C and G). The name of each selection
is shown in Table 1. With the same initial condition, we run two
sets of simulations: one with RFB and one without RFB. We divide
the simulations into two groups: Group 1 and Group 2. In Group 1,
the gas clouds are irradiated by zero/weak X-ray background or a
moderate LW background, therefore in this group of simulations, the
effects of X-rays should be small. Simulations in Group 2, on the
other hand, have a zero LW background but a moderate/strong X-ray
background. We note that the simulations in Group 2 are typically run
for a shorter time than the ones in Group 1 (see Table 1), but we expect
that this does not affect the results significantly. We found that the gas
disc is depleted more rapidly for simulations in Group 2, hence we
stop the run when the accretion rate becomes M < 10~* Mgyr~". For
this reason, we expect there is no more fragmentation and, assuming
that M remains constant at our assumed threshold of 10™* Mgyr~!,
the mass growth is only ~5 per cent during the next 50 kyr. Note
that, for Run E, we evolve the simulation for a longer time (115 kyr)
to confirm that indeed stars do not resume growing at later times.
After selecting the simulations we extract the central 2 pc of these
runs to generate new initial conditions and perform simulations in
non-cosmological settings. Throughout the paper, we call these new
simulations ‘SF (star formation) simulations’. We do not include
dark matter particles because their density in the halo core is several
orders of magnitude lower than the gas density. We confirmed that
the SF simulations produce results that agree with simply running
the zoom-in cosmological simulations further without extracting a
2 pc box region. Even though the simulations are not identical due
to the chaotic nature of the fragmentation process, the results are
qualitatively identical and the SF simulations run more efficiently

MNRAS 521, 5334-5353 (2023)

than the zoom-in simulations. In the SF simulations the base AMR
level is 7 and cells are refined with Jeans criterion (Truelove et al.
1997) N; = 16 up to AMR level 15. The cell size at the maximum
AMR level is Ax = 2 pc/2”% = 6.10 x 107> pc = 12.6 AU. Since
we aim at running multiple simulations with different radiation
backgrounds for about ~50-100 kyr from the formation of the first
protostar, we adopt a spatial resolution a few times lower than other
recent simulations of Pop III star formation (~3 AU; Hosokawa et al.
2016; Sugimura et al. 2020), but significantly higher than that of our
previous works (~60 AU, Paper I and Paper II).

The initial conditions are shown in Fig. 2. The characteristic radius
of the collapsing cloud (Hirano et al. 2014; HR15) does not exceed
1 pc (dashed lines). Initial conditions of Halo 2 display a clear trend
with the X-ray intensity with the gas cloud tending to be colder
(~100 K) and smaller in size in X-rays. When irradiated by LW,
on the other hand, the gas cloud becomes larger in size due to the
delayed Pop III star formation and therefore a larger halo mass at a
lower redshift.

2.2 Primordial H, and HD chemistry and cooling

We refer to Paper I for a description of the primordial gas chemistry
and cooling function of H,. In this work, we also include the effect
of HD cooling that can become important in cases with strong X-ray
irradiation due to the significantly increased H, molecular fraction
and low gas temperature. To consider the HD cooling, we implement
six reactions including D, DT, and HD following table 2 of Nakauchi,
Omukai & Susa (2019) and the HD cooling function from Lipovka
etal. (2005). The HD cooling is only included in cosmological zoom-
in simulations and ignored in SF runs because it is a subdominant
process at higher densities (Omukai et al. 2005).

2.3 Self-shielding of background radiation

Although X-ray photons have small ionization cross-sections, they
are shielded by the dense central gas in a halo. This X-ray shielding
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Table 1. Summary of simulations.
Multiplicity,
Label® Halo RFB Jxo,21 Jiw,21 fhinal (Kyr) Miina Mg) Nfinal Group®
Run A(-noFB)? Halo 2 Yes (No) 0 0 68 (81) 557 (1086) 4.(7) Group 1
Run B(_.noFB) Halo 2 Yes (No) 1074 0 42 (71) 183 (689) 3(6) Group 2
Run C(-noFB) Halo 2 Yes (No) 104 107! 92 (125) 579 (972) 4(5) Group 1
Run D(_noFB) Halo 2 Yes (No) 1073 0 76 (115) 159 (281) 2(2) Group 2
Run E(_noFB)” Halo 2 Yes (No) 1072 0 115 (185) 105 (433) 2(5) Group 2
Run E_noHD Halo 2 Yes 1072 0 18 95 2 N/A
Run F(_noFB)" Halo 3 Yes (No) 0 0 108 (87) 338 (470) 7(5) Group 1
Run G(_noFB)®  Halo 3 Yes (No) 10> 107! 142 (148) 539 (801) 10 (10) Group |
Run H(_noFB) Halo 3 Yes (No) 1074 0 33 (90) 203 (603) 2(4) Group 2
Notes. * Following the labels in Fig. 1.
b Movies of the fiducial simulations are available in the supplementary material.
¢ Group 1 includes zero/weak X-rays or a LW background. The X-ray effect is minimal in this case. Group 2 includes moderate/strong
X-rays with no LW. The effects of X-rays is important in this group.
Run A Run B Run C Run D of the distance, r, from the centre:
@ 7 " /
£ 6 Ne(r) =/ n(r)ldr'], (2)
;; 5 Ryir
9 g where Ry, is the virial radius of the halo and n(r) is the number
- density profile. As a side note, Hummel et al. (2015) considered the
35| geometry of the protostellar disc in the self-shielding factor. We use
< 30 the above simple approach because the optical depth of soft X-ray
'é, 25 becomes ~1 when the density reaches ny ~ 10* Hem ™3 in our haloes,
= %:g before the formation of a disc. We expect X-ray FB in high-density
Run E Run F Run G Run H gas to be negligible (because self-shielded) in any direction and thus
Uil Uil Uil uil our results are insensitive to this choice. In the SF simulations, the
o 7 PO
E 6 column density is
;; 5 NC(}”)Z Nbox(r)+Nout- (3)
4
g3 Because the virial radius is larger than the size of the box (2 pc), we
assume that the column density at » > 1 pc (Noy) is constant in time
< gg since ny; = 107 H cm 3. We instead update the column density inside
= 25 the box (7 < 1 pc, Npoyx) at every coarse time-step (~13 yr).
8 20 We also include shielding of the LW background. The LW
15

Figure 2. Hydrogen number density (top) and temperature (bottom) slices
of the initial conditions for the simulations in Table 1. The white dashed
circles indicate the effective radius of the collapsing cloud (Hirano et al.
2014; HR15). The scale of each image is 2 pc on each side.

may shut down the additional ionization/heating in the central regions
of the protostellar core, weakening the FB effect of X-rays as found
in Hummel et al. (2015). In Paper II, we also found a weakening
effect of self-shielding for strong X-ray irradiation cases, but the self-
shielding does not make a meaningful difference in weak or moderate
X-ray backgrounds (see appendix A in Paper II). This is because
Pop III properties are determined when the central density reaches
moderate densities (~10* Hcm™?), before self-shielding becomes
important. However, we include this effect anyway in this work for
completeness. For the X-ray shielding, the ionization and heating
rate by X-ray background is multiplied by the self-shielding factor
(0 <fha < 1):

fsna = exp(=N.o), (1

where N, is the column density and & is the averaged ionization
cross-section in the X-ray range [200 eV, 0o). We assume the halo is
spherically symmetric and thus the column density is only a function

shielding includes self-shielding of H, and HD and shielding of
HD by H,. For the self-shielding factor of H,, we use equation (7) in
Wolcott-Green & Haiman (2019). In our work, this factor is denoted
by fWGH(NHZs T), where NH2 =ny, Ax is the H, column density
and T is the temperature of the cell. We provide a discussion on
the column density in Section 2.6. We use the same formula for the
HD self-shielding but with the column density replaced by that of
HD. The shielding of HD by H, is computed with equation (12) in
Wolcott-Green & Haiman (2011). The total shielding factor of HD
is the multiplication of the two factors. We did not implement the
shielding of H, by HD because the HD density is lower by several
orders of magnitude. We study the importance of X-ray self-shielding
on the long-term evolution (~30 kyr) of the protostars forming in
Halo 2, in Appendix Al. Note that Hummel et al. (2015) evolved
the simulations for only ~5 kyr, and our test suite in Paper II also
covered a shorter time. However, the importance of self-shielding
may vary depending on the growth history of the chosen halo as
suggested in Hummel et al. (2015).

2.4 Sink formation and accretion

In hydrodynamics simulations the Jeans length (A;) must be re-
solved with a minimum number of cells to prevent artificial
fragmentation (Truelove et al. 1997) and better resolve turbulent
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motions. However, as the Jeans length approaches the minimum
cell size (Ax) in the simulation, this criterion fails. To circumvent
this issue in Paper I and Paper II we artificially reduced the
cooling rate of Jeans unstable cells near the resolution limit, as
also done in previous works (Hosokawa et al. 2016; Hirano &
Bromm 2017). Because of the nearly adiabatic collapse heating,
the gas stops collapsing forming clumps that we regard as Pop
III protostars. This method is not ideal to track the evolution
of individual clumps and implement RFB from them. For this
reason in this work we utilize sink particles, that we refer to as
stars or protostars. However, we point out that a sink particle
in our simulations can represent a multiple-star system with a
separation that is less than the sink radius. We follow the recipe
in the public version of RAMSES (Bleuler & Teyssier 2014) with
minor modifications. The built-in clump finder (Bleuler et al. 2015)
identifies gas clumps and we check if each clump satisfies the
following,

(1) The clump peak density is ng > ngnx = 10" cm~3.

(i1) There is no pre-existing sink within 27y = 2 X Nsipk AX.
(iii) The flow is converging, V - 7 <o.

If all conditions are met for a given clump then we create
a sink particle at its density peak. When created, the mass of
a sink is zero but it gains mass in the next time-steps (that
is roughly 20d in our simulations) by accreting the surround-
ing gas as described in the next paragraph. In Appendix A2,
we compare the star formation with clumps and sink parti-
cles.

In the literature, the sink radius is chosen to be a multiple of
the smallest cell size (NsjnxAx), with values of Ng ranging from
4 to 16. We choose Ngjpx = 8 and thus rg = 101 AU. If a gas
cell is within the radius of a sink particle and its number density
exceeds ngn the excess mass (n — ngn ) AX®) is dumped into the
sink. We do not check if the gas inside the sink is gravitationally
bound because the Bondi radius (Bondi & Hoyle 1944; Bondi 1952)
of the sink is greater than rg,, and therefore the gas is actually
bound to the sink. Two sink particles merge if they are closer than
2rgnk = 202 AU. Cells within 1.5rg, from the centres of any
sink particle are fully refined to guarantee accurate calculation of
hydrodynamics and radiative transfer near sinks. In Appendix A3
we validate our choice of ngy and provide test results with different
Nsink-

2.5 Photon injection

We utilize the model of protostars calculated by Hosokawa &
Omukai (2009) and Hosokawa, Yorke & Omukai (2010) to obtain the
amount of photons emitted by sink particles. These authors traced the
evolution of accreting protostars with a 1D stellar evolution code and
tabulated the radius and luminosity (and thus effective temperature,
Teir) as a function of stellar mass and gas accretion rate. In our
simulations, the luminosity of a sink particle in each frequency bin
is,

2 BV TE
0= 47tR2/ %ff)dv, “4)
vy pV

where R is the effective radius of the model star and T is its
effective temperature, assuming it has a Plank spectrum B, (Zefr).
At each time-step of the simulation, the values of R and T
are interpolated from the table as a function of the mass and
accretion rate of the sink particle. The lower and upper bounds
of frequency (v; and v;) in each bin are given in Table 2. We

MNRAS 521, 5334-5353 (2023)

Table 2. Energy bins.

bin hpvy (eV)  hpvy (eV) Roles

1 11.20 13.60 H, dissociation

2 13.60 15.20 HT ionization

3 15.20 24.60 H1, H; ionization

4 24.60 54.42 Hr1, Hy, HeT ionization

5 54.42 00 H1, Hp, He1, Hell ionization

do not include luminosity due to gas accretion. In a time-step Af,
we inject QAt photons around each sink particle. Throughout the
paper, we use the term LW and FUV (far-ultraviolet) interchangeably
for the radiation in the first energy bin. We call the radiation in
the other bins either ionizing or EUV (extreme-ultraviolet) radia-
tion.

For a Pop I1I star to form the core density should exceed 10?° cm ™3
(Omukai 2001). This density cannot be resolved in our simulations
so we need a sub-sink recipe to model photon injection from the
sinks. Instead of assuming that all cells within the sink are sources of
photons, we distribute photons equally on the sink surface, with
fluxes in the outgoing radial direction. The specific intensity of
photons launched from the surface in each direction is further reduced
by the escape fraction fus.:

0 if n > niy
fesc = fWGH("Hzrsinky T) ifn < Ninj (FUV) s (5)
1 if n < niyy (BUV)

where ni,; = 0.1ngp, is the photon injection density threshold. We
assume 1 — f,,. photons are absorbed within the sink in the path
from the central star to the sink surface. The number of photons
injected into a cell on the sink surface is npn = fesc(1/Nour)Rph, total -
Here, Ny is the number of cells on the sink surface (hence, the
reciprocal is the fraction of the surface in each cell). Here, npp, ot
is the total number of photons emitted by the central sink particle.
With this recipe, the radiation propagating in directions close to
the plane of the disc is efficiently suppressed, while a significant
fraction of EUV and LW photons escape in the vertical direction.
An accurate calculation of f.s. requires the H, column density from
the central sink to the surface. To save computational time, however,
we approximate the column density as the density at the surface
multiplied by the sink radius. Cells with injected photons have
photon flux nppcrea? Where creq is the reduced speed of light and
7 is the unit displacement vector from the centre of the sink. Tests
leading to the adoption of this recipe and the density threshold for
photon injection (0.1n4,x) are shown in Appendix A4. The results
of the simulations can be sensitive to the model of photon injection,
especially with respect to the naive assumption that all photons are
injected in the centre or are spread within the sink (Jaura et al.
2022).

Finally, we also test for resolution effects in Appendix AS,
exploring the range of sink density thresholds between 2 x 1072
and 3 x 107! gcm~3. However, we point out that a recent resolution
study of the initial stages of disc fragmentation (Prole et al. 2022)
demonstrated that the number and masses of sink particles do not
converge for sink creation densities <107® gem™. This implies
the resolution of our simulations is not sufficient to fully resolve
fragmentation at small scales. Hence our results on the multiplicity
and IMF of surviving fragments require caution. On the other hand,
as shown in Appendix AS and in agreement with the results in Prole
et al. (2022), the total mass of the system is less sensitive to the
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resolution and therefore our results for the total mass in Pop III stars
are more reliable.

2.6 Radiative transfer

Radiation transfer in RAMSES-RT is implemented using the M1
closure method (Rosdahl et al. 2013), with photon number density
and flux in each cell computed locally. For hydrogen and helium ion-
izing radiation, we follow the prescriptions in the publicly available
version. Unlike the radiative transfer of ionizing UV/X-ray radiation
in which the opacities are broad in frequency, opacity in the LW band
is produced by absorption by numerous narrow lines with widths and
centres that depend on temperature and kinematic of the gas (e.g. see
Ricotti et al. 2001), thus its calculation is computationally expensive.
A widely used approximation is to assume that the gas is optically
thin to LW radiation and correct the H, dissociation rate with the
self-shielding factor (Draine & Bertoldi 1996). For the self-shielding
factor we use the up-to-date equations in Wolcott-Green & Haiman
(2019),

fana = fwvon(Ng,. T). ©)

This factor, however, is a function of column density NH2 and its
calculation is also cost-prohibitive in a hydrodynamics simulation.
For this reason, the column density is often replaced by the local
column density computed using the Jeans length, velocity gradient,
or density gradient (Wolcott-Green, Haiman & Bryan 2011) although
their usage still requires cautions (Chiaki & Wise 2023). We follow
a mixed local/global approach to calculate the opacity in the LW
bands. We calculate the self-shielding locally for the gas inside each
cell using equation (6) with NH2 =ny, Ax, as in Katz et al. (2017),
but we also account for global opacity in the LW frequency bin in
the M1 closure method, assuming an effective cross-section oy =
2.47 x 107! cm? for H, gas (Katz et al. 2017). We also include LW
photon absorption by atomic hydrogen with o yma = 5.23 x 107
cm? (Wolcott-Green & Haiman 2011; Jaura et al. 2022). Using this
approximation, we are assuming LW radiation transfer in the opti-
cally thin regime, therefore we speculate that we are overestimating
H;,-photodissociation and the subsequent heating by LW photons.
The effect of the shielding by H1 is discussed in Appendix A4.

To speed up the calculations, we use the reduced speed of
light approximation. One must use this approximation with care in
cosmological simulation (Gnedin 2016) but usage in a high-density
regime like in SF simulation is valid. The reduced speed of light
is ¢reqa = 1073¢ = 300 kms™! in this work. We validate this choice
in Appendix A6. The computation speed does not increase further
with a lower value, as the maximum outflow speed is ~100 kms™".
GLF Riemann solver is recommended for cosmological simulation
(Rosdahl et al. 2013) but we use HLL Riemann solver (Harten,
Lax & Leer 1983) motivated by the shadowing effect. However,
note that both solvers show a similar degree of diffusivity when
radiation is transferred in a diagonal direction and therefore our
results are independent of this choice. Finally, we provide test results
with FUV- and EUV-only simulations in Appendix B to explore the
effect of each radiation.

3 RESULTS

3.1 Formation of protostars in primordial discs

It has now been shown by several authors that a primordial gas
discs fragment to form multiple Pop III protostars (Machida et al.
2008; Stacy et al. 2010; Clark et al. 2011), but early studies evolved
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Figure 3. Rendered image of a nearly equal mass binary Pop III protostar and
disc in Run F. Two stars accrete gas from their own circumstellar mini-discs,
and the protostellar UV radiation produces two hot bipolar H1I regions and
outflows with velocities ~100 kms~!. The mini-discs orbiting the common
CoM sweep and accrete the gas in the main disc. The field of view is
~10000 AU x 10000 AU.

the protostars for short times with respect to the accretion time-
scale determined by RFB. Later, several studies (Susa 2013; Susa,
Hasegawa & Tominaga 2014; Hosokawa et al. 2016; Sugimura et al.
2020) were able to simulate a multiple stellar system until protostellar
RFB shuts down accretion on the protostars (~120 kyr). In our
simulations we also find that the formation of multiple Pop III stars
is ubiquitous, and the growth of protostars is quenched by RFB.
Fig. 3 shows the 3D rendering of one of our simulations, in which
a binary star emitting radiation produce bipolar outflows. Protostars
accrete gas from their own circumstellar mini-discs, emitting FUV
and EUV photons. These photons create hot bipolar H1I regions in
the vertical direction, that can be tilted with respect to the main
disc and asymmetric as observed for the left star, where the south
outflow is weaker than the north one. While the stars orbit each other,
their circumstellar discs accrete gas from the main disc and create
gaps and extended arms as also seen in idealized simulations of
circumbinary disc (e.g. Tang, MacFadyen & Haiman 2017; Moody,
Shi & Stone 2019; Dittmann & Ryan 2022). In this section, we
show the results of simulations of disc fragmentation and Pop III star
formation for various radiation backgrounds in two representative
dark matter minihaloes. Fig. 4 shows the central gas evolution for
Run F at different epochs (a movie of the simulation is available in
the online version of the paper). The qualitative evolution is similar
across different simulations, even though the masses and multiplicity
of the stars show trends with the intensity of the X-ray background.

Typical formation scenario. The gas cloud contracts and flattens
to form a disc and protostars (in Fig. 4, panels al, a2 show the face-
on view and panels bl, b2 the edge-on view). Soon after the first
protostar appears (¢t = 0), three stars form near the disc centre at
t ~ 1 kyr through the initial fragmentation of a prominent barred
spiral arm structure developing in the relatively massive disc around
the low-mass central protostar (Kimura, Hosokawa & Sugimura
2021). Two of them merge with each other and only two nearly
equal mass stars (SO1) and (S03) are left orbiting the centre-of-mass
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Figure 4. Snapshots of Run F at different times (Rows 1-5). The scale of each frame, shown on the left, increases as the disc and the protostars” orbits expand.
We define t = 0 when the first sink particle forms. We also plot protostars as filled circles (see the bottom of the figure for the labels). Column a shows the
face-on view while the other columns (Columns b to g) show the edge-on view. The label on each panel refers to the column and the row. Column a: Gas surface
density. Through the initial fragmentation, the system starts with a binary (a3). The circumstellar discs fragment and a hierarchical binary forms (a4). Column b:
Gas column density. The gas flattens (see bl and b2) and a disc forms. All protostars are in the disc plane. Column c: Slice through the disc centre showing the
gas temperature. Note that the heated regions are traced by the radiation field. LW radiation heats the gas up to 7 ~ 10 K and the heating by ionizing radiation
(EUV) results in 7> 5 x 10* K. Column d: Slice of Hy fraction. LW photons dissociate Hy. The opening angle of the photodissociation region increases with
time. Column e: Density weighted H1I fraction. The radiation from protostars creates bi-conical H1I regions. Column f & g: Projected LW and ionizing UV
photon density. Two massive sink particles emit a copious amount of photons. The image shows the precession of mini-discs. A movie version of this figure is

available in the supplementary material.

(CoM) of the system (see panels a3/b3). Each of these protostars has
circumstellar mini-discs which accrete mass from the larger disc. In
all the simulations these nearly equal mass binaries (with stars of
about 100 M), migrate outwards from a few 100 AU separations at
formation, to 10000 AU by the end of the simulation at # ~ 100 kyr.
Attime 7 ~ 15 kyr, the mini-disc around SO3 becomes gravitationally
unstable through mass accretion and fragments (Sugimura et al.
2020) to form S05. Similarly, at t ~ 24 kyr, the fragmentation of
the circumstellar disc around SO1 forms S10. At this time the system
is a hierarchical binary where two binary stars, with nearly equal
total mass, orbit each other (panel a4/b4). The protostars in each
binary system have their own circumstellar mini-discs. As discussed
in this section and the upcoming paper (in prep) these discs play
an important role in the growth and migration of protostars. The
stars are getting further from their common CoM with time and
the binaries also are getting further as the disc expands. At later
times (panel a5/b5) S12 forms at Lagrange points L4 (or L5) of the
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main hierarchical binary. Afterwards, star formation becomes more
stochastic due to the large multiplicity, and zero-metallicity low-mass
stars can form when rapidly ejected from the disc.

Fig. 4 also shows that the onset of RFB changes the environment
around the protostars dramatically. As the protostars grow in mass,
they become more luminous and their spectra become harder. In the
beginning, LW photons from the stars propagate through the gas and
photodissociate H; in the vertical direction as shown in panels (d3),
showing the H, fraction and (f3), showing the number density of
LW photons. For the first 10—20 kyr the ionizing radiation remains
trapped by the dense neutral gas in the disc (panel g3) and the H1I
region is trapped (panel e3). Later, ionizing radiation breaks through
the gas in the disc forming biconical H1I regions (see panels e4/e5
and g4/g5). The radiation field is dominated by the two protostars that
form earlier because the ones forming later from the fragmentation of
the mini-discs are less massive. lonization and photodissociation by
radiation heat the gas: H, dissociation due to LW photons heat the gas
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Figure 5. Face-on gas surface density (top) and edge-on temperature
(projected, bottom) in Run A. We present FB (left-hand panel) and noFB
(right-hand panel) for comparison. The time and total mass are shown above
each density plot. The time is nearly at the end of the FB run. The field-
of-view is 30000 AU x 30000 AU. On top of the temperature plots we
plot the velocity field (green arrows). The size of an arrow scales with the
speed logarithmically and the maximum speed is ~100 km s~!. Protostars
are shown by the filled circle.

above the disc in a broad region to 7'~ 1000 K, creating an outflow.
Note that the opening angle of the biconical regions where the gas is
heated to 1000 K (see panels c3 to ¢5), is similar to the opening angle
of the LW radiation field (panel 3 to f5). As ionizing photons escape
the disc they form biconical H1I regions with a narrower opening
angle than the LW counterpart (Column g). Photoionization heating
increases the temperature to 7> 5 x 10* K in these narrower conical
regions (Column c). The EUV heating enhances the bipolar outflow
velocity as seen in Fig. 5, thereby suppressing the growth of the stars.

3.2 Roles of FUV and EUYV radiation feedback

In paper I and II, we found that the total mass in Pop III stars depends
on the accretion rate as

Mpop3,lol X (dM/dt)(” s (7)

in agreement with HR15. If we define the star formation quenching
time-scale Tsp = Mpops, 1o/(dM/dt), we expect Tgg M};,g';mt: i.e.
higher mass protostars have a stronger feedback effect than lower
mass stars.

Without X-ray irradiation the accretion rate is highest (because
X-rays, cool the primordial cloud core by enhancing H, and HD
formation), thus stars grow rapidly and are more massive than in
cases with X-ray irradiation. Hence, we expect a faster suppression
of the mass growth of Pop III stars due to RFB in runs without X-rays.
To test this model, we explore the evolution of protostars including
and excluding RFB effects in Halo 2, when irradiated by different
intensities of the radiation background.? In Appendix A7 we test the
relative importance of EUV and FUV feedback by running the same

3In Paper I we found that Halo 2, because of its regular accretion history,
shows the clearest trend with varying the intensity of the X-ray background.
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Figure 6. Top: Mass in protostars with time for Halo2 with Jxg, 21 = 0 (Run
A). The solid lines are in the fiducial case and the dashed line is in noFB case.
The total mass is shown in black and individual stars are shown in different
colours and grey with long-lived ones highlighted (see bottom). Note that
the mass of low mass S14 (magenta) remains constant without merging with
other stars. Middle: Accretion rates in Mgyr~!. Similar to the top panel but
we plot only the long-lived ones. We mark accretion rate peaks with P1, P2,
and P3. Bottom: Distance from CoM. The final distance of S14 is ~6 x 10*
AU.

simulation with both EUV + FUV feedback, only EUYV, only FUV,
and noFB. We find that FUV and EUV feedback have comparable
effects on the suppression of the accretion rate onto Pop III stars.

Fig. 5 shows the gas surface density (face-on) and temperature
(edge-on) of the FB (left-hand panel) and noFB (right-hand panel)
Run A (Jx 21 = 0) at t ~ 66 kyr. The overall gas density is lower
in the FB run because RFB suppresses the gas supply and available
gas is already consumed by the existing stars. The protostars in this
simulation are more massive (M ~ 100-200 M) than those in Run
D (M < 100 M) seen in Fig. 4, hence the bipolar H 1l regions reach
temperatures of nearly 103 K. As seen in the temperature plots an
outflow with velocity ~100 kms ™" in the vertical direction develops
and reverses the gas motion (arrows in the bottom left-hand panel),
that would otherwise be accreting onto the disc and stars (bottom
right). Generally, we find across all simulations that FB reduces the
total mass in stars both at intermediate times and even more at late
times, since the total mass in stars continues to increase with time
at a nearly constant rate in the noFB cases. The multiplicities in the
last snapshot (Ngya) are 4 and 7 showing fewer stars in the FB run.
Again, at an earlier time (# ~ 68 kyr), the number of stars is 4 and 5
in both runs, hence the difference is smaller.

3.3 Modulation of the accretion rate and feedback due to
eccentricity of the orbits

In Fig. 6 we plot the masses, accretion rates, and distances from the
CoM as a function of the time of the stars forming in Halo 2 for the
case without X-ray and LW backgrounds (Run A). Single stars are
shown by coloured lines for the fiducial simulation, while the total
mass for the noFB simulation (black dashed lines) is compared to the
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fiducial case (black solid lines). The bottom panel shows that the two
most massive stars are in a binary with rather eccentric orbit (e &~
0.8) as shown by the bottom panel. This is somewhat surprising given
that the stars are still deeply embedded in a gas-rich quasi-Keplerian
disc. However, the disc is highly inhomogeneous due to the presence
of prominent arms and bar features. We will see in a follow-up paper
that these non-axisymmetric features are responsible for the outward
migration of the stars and allow initially eccentric orbits to avoid
circularizing.

Eccentricity-induced periodic growth. RFB suppresses the growth
of protostars as suggested in previous studies (Hosokawa et al. 2011).
The accretion rate in the noFB run is almost constant for at least
100-200 kyr, while the accretion rate slows down in the run with
RFB (fiducial run). However, in the fiducial run there are times
when dM/dt suddenly increases and sometimes the accretion rate
exceeds that in the noFB case. We mark these episodes with the
labels P1, P2, and P3 in the middle panel of Fig. 6. At each peak,
the SO1-S02 pair (red and green) grows rapidly and this occurs at
the minimum separation of the two stars (i.e. at pericentre distance).
As shown in the bottom panel, the binary has an eccentric orbit, and
the distance between SO1 and S02 has a minimum at P1, P2, and
P3. The periodic increase of the accretion rate is likely produced
by the tidal interaction of the circumstellar mini-discs, funnelling
the gas to the stars and thus boosting the growth of the protostars.
The accretion rates at these peaks decrease with time due to the gas
depletion and the third peak is lower than the noFB case. Unlike the
case of AGN feedback in galaxy merger simulations (Park, Smith &
Yi2017), tidal interaction does not always lead to stronger feedback.
At P1 and P2, the tidal interaction reduces the ionizing luminosities
of SO1 and SO2 by several orders of magnitude, weakening RFB.
This is because protostars are modelled to enter a supergiant phase
(and therefore their effective temperature drops) when they have high
accretion rates: dM/ds > 1072 Mgyr~! (Hosokawa & Omukai 2009;
Hosokawa et al. 2010; Hosokawa et al. 2016). As seen in the figure,
the accretion rates of these two stars are similar to this critical value
at P1 and P2. At P3, however, the stars do not enter the giant phase
and their luminosities increase for a short period of time. While RFB
from stars SO1 and S02 are shut down during the close encounters,
the ejected star SO8, keeps radiating and produces an outflow.

In Paper I and Paper 11, we used the empirical relationship from
Hirano et al. (2014) and HR15 to determine the final masses of Pop
III stars (RFB was not included in those simulations). In this work,
we simply define the mass in stars as the one in the final snapshot
of the simulation, denoted Mp,,. The total mass in stars in Run A
is 557 Mg as seen in Table 1 and is clearly lower than the noFB
case at the same time (1086 Mg). However, even at the end of our
simulations, RFB has not fully evaporated the gas disc, especially
the gas in the circumstellar mini-discs, and therefore the stars keep
growing at a very slow rate. For this reason, Mg, provides only a
lower limit to the mass of the stars, even though we do not expect that
their masses would increase significantly even if we evolved Run A
further. As seen in Fig. 4, little dense gas is left due to the strong RFB
and the total accretion rate in the last snapshot is ~10~! Mgkyr~! =
10~* Mgyr~! (Fig. 6): if stars accrete the gas at the same rate for
the next 100 kyr, the mass increase would only be 10 M, and the
total mass growth less than 10 percent. On the other hand, in the
noFB simulations, the accretion rate would remain constant at about
100 times higher rate, and the total mass would roughly double
reaching 2000 Mg,

Hierarchical binaries and outward migration. The bottom panel
of Fig. 6 shows the distances from the CoM of long-lived stars.
Eight protostars form initially in the inner disc, but they merge with
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each other producing a triple system of stars: SO1, S02, and SOS.
Star SO8 (in yellow) is ejected via gravitational interaction and only
SO1 and SO2 orbit each other in the end. The orbits of these stars
initially migrate outwards, but at later times they reach a constant
radius. The orbit of the SO1-S02 binary is highly eccentric with the
pericentre distance ~1000 AU and the apocentre distance ~8000
AU. Although new protostars form while SO1 and SO2 orbit each
other, they all merge with SO1 and SO2. At each pericentre, tidal
interaction between the two mini-discs increases and tidal tails and
a gas bridge/bar becomes more prominent, somewhat reminiscent of
features observed in galaxy merger simulations (Toomre & Toomre
1972; Cox et al. 2008).

At t ~ 24 kyr, S14 (magenta in Fig. 6) forms out of a tidal tail
and is ejected from the system (see the bottom panel). At the time
of its formation, the gas is significantly depleted, so it does not have
enough gas to accrete and thus remains with a relatively small mass
(M ~2Mg). Although its mass is greater than 1 Mg, this supports the
possibility that low-mass Pop III stars can be observed today (Clark
etal. 2011; Greif et al. 2011; Stacy & Bromm 2013). While previous
works simulated the protostellar disc for a relatively short time (a few
kyr), our simulation follows the orbit of unbound low-mass protostars
for about 100 kyr, as in Susa et al. (2014). Two protostars are also
ejected in the noFB case, but they are more massive (10 and 4 Mg).

3.4 Pop III masses and multiplicity in different X-ray
backgrounds

Multiplicity. We confirm the results in Paper II that in an X-ray
background the disc is more gravitationally stable and the multiplicity
of stars is reduced. Results on the multiplicity are sensitive to
the resolution of the simulation because fragmentations within the
sink radius cannot be resolved in our simulations, hence a sink
may represent a multiple star system (see Prole et al. 2022, for a
convergence study). Nevertheless, for a given resolution, the X-ray
background systematically reduces the multiplicity by stabilizing
the disc and reducing the mass of the initial gas cloud. For Jxg 21 =
10~* (Run C), the mini-discs do not fragment for ~29 kyr since
the initial formation of a central binary as seen in the top panel of
Fig. 7 (left-hand panel). At t ~ 29 and 52 kyr, S06 and S12 form in
the circumstellar mini-discs of SO1 and S02, respectively, forming
a hierarchical quadruple system. The final multiplicity is equal to
that found for Jxg 21 = 0, mostly because in the latter several sinks
merge with each other (see Table 1). For stronger X-ray irradiation,
Jx0.21 = 1072, the second fragmentation occurs similarly at ¢ ~
25 kyr but the new sink quickly merges with the existing star. No
further fragmentation occurs for the next ~90 kyr (see the top right-
hand panel of Fig. 7) and the system ends up being a binary. Other
simulations with non-zero X-ray backgrounds (Run B and Run D)
have multiplicity 3 and 2, respectively. Although Run C seems to
deviate from the general trend (we attribute it partially to the larger
halo/disc mass produced by the delayed collapse in a non-zero LW
background), the other runs agree with the expectation from Paper I1:
X-rays make the disc more Toomre-stable, reducing the multiplicity.

Total mass in stars. The masses of Pop III stars are reduced by
X-ray irradiation (see Paper I). The physics is simple: in an X-ray
background, the molecular fraction is higher and the gas temperature
lower; this reduces the accretion rate (dM /dt o« M [ty o cf) onto
the protostar and its final mass. As seen in the middle panels of
Fig. 7, the initial accretion rates (~10~! and 1072 Mgyr~') are
lower than that in Fig. 6 (107! Mgyr~'). The total mass in Pop
III stars in three X-ray simulations without LW background (Run
B, Run D, and Run E) decreases with increasing X-ray intensity
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Figure 7. Left-hand panel: Same as Fig. 6 but for Jxg,2; = 10™* (Run C). Note that the middle and bottom panels shows only long-lived stars. Right-hand
panel: Same as the left-hand panel but for Jxo, 21 = 102 (Run E). Four protostars form in total but only two of them do not merge with each other for > 100 kyr.

(183, 156, and 105 Mg, see Table 1). We also confirm the H1I and
photodissociation regions are narrower and the outflows are slower
with increasing X-ray irradiations due to the lower masses of the
stars (e.g. ~70 kms~' in Run E). The total final mass in Run C,
on the other hand, is slightly greater than that of Run A due to
the delayed collapse induced by the LW background (579 My). All
simulations end with M < 10™* Mgyr~' and thus we expect My
does not change significantly after that.

Accretion peaks exist in Run C as in the previous case (see Fig. 6).
From t ~ 20 kyr to 40 kyr, the accretion rate of S02 increases
periodically (see middle panel of Fig. 7) with the peaks coincident
with the minimum separations in the binary. These peaks, however,
are less pronounced than in Run A due to the less eccentric orbit
and the larger average separation (~2000 AU). Periodic accretion is
less pronounced in the other three simulations with X-ray irradiation
because the gas discs are smaller in mass.

Outward migration. The stars migrate outward in all simulations,
and we show examples in the bottom panels of Fig. 7. SO1 and S02
in Run C orbit each other with an initial separation of ~500 AU. The
distances from CoM increase up to ~2000 AU by 7 ~ 90 kyr. Due to
the formation of the hierarchical binary, two young stars (yellow and
blue) are orbiting their companions with short periods in relatively
close orbits (separations ~500 AU). Due to the low multiplicity, the
orbits in Run E are simple. The stars’ orbits expand with time as
in Run C; they are born on an eccentric orbit, but they eventually
circularize.

In Paper II, we found that outward migration tends to be slower and
to lower distances in simulation with increasing X-ray irradiation.
This trend is not observed in this work: the maximum separation in
Run E (Uxo,21 = 107%) is larger than in Run C (Jxg, 21 = 107%). We
simulated the system for a relatively short time for Run B and Run
D (since accretion is suppressed early), but we find their orbits also
expand with time. We will further explore the physical explanation
for this ubiquitous outward migration in an upcoming paper.

3.5 Results for a smaller mass halo

Halo 3 has a lower mass than Halo 2 at all redshifts (see Paper 1),
hence Pop I1I star formation in this halo is sensitive to lower values
of the X-ray background, as shown by Fig. 1.

Multiplicity. Without an X-ray background, Halo 2 (Run A) is
dominated by three massive stars (M ~ 200, 200, and 100 M) while
Halo 3 (Run F) has a less massive hierarchical quadruple system
with masses between M ~ 50 My and 70 M. However, at a late
time, Halo 3 becomes a more complex system as several smaller
mass protostars form through late-time fragmentation (Ngna = 7, see
Table 1). Similarly to the case of Halo 2, the run with Jxg 2 =
107 in a LW background for Halo 3 (Run G), has the largest
multiplicity (Ngna = 10) among the runs with RFB (see Fig. 8).
This is probably due to the delayed redshift of formation of the Pop
11T stars and therefore a higher mass halo when irradiated by a strong
LW background. However, the trend of decreasing multiplicity with
increasing X-ray background is also found in Halo 3: for Jxo 21 =
10~* (Run H) only two stars form in an eccentric orbit (e ~ 0.5).

Total mass in stars. The protostars in Halo 3 (Run F) are less
massive than in Halo 2, producing weaker RFB. This creates narrower
bipolar H1I and photodissociation regions, thus suppression of the
accretion rate is less significant. As it can be observed in the middle
panels of Fig. 8, the total accretion rate remains nearly constant as a
function of time, although at a lower level than in the case without
feedback (Run F/noFB). The accretion rates of individual stars are
very low (~107* Mgyr™!) but the total accretion rate is about one
order of magnitude higher as the multiplicity becomes larger at late
times. In addition to the slow gas accretion, mergers between stars
also contribute to the mass growth of individual stars. The mass
of S10 after the merger is greater than the sum of the two masses
because of the enhanced gas accretion triggered by tidal effects on
the mini-discs.

The trend with X-ray intensity is the same as for Halo 2: without
X-ray irradiation (Run F) the total mass is 338 Mg, while for Jx 2; =
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Figure 8. Left-hand panel: Same as Fig. 6 but for Halo3 with Jxo, 21 = 0 (Run F). Right-hand panel: Same as the left-hand panel but for Jxo, 21 = 10~° (Run G).

Run F Run G

— S0t S03

dM/dt (M, yr)

Separation (AU)
3

10

40 50 60
Time (kyr)

70 20 30 40 50 60
Time (kyr)

Figure 9. Top left-hand panel: Accretion rates of SO1-S10 binary in Run F.
We highlight prominent peaks with P1, P2, and P3. Bottom left-hand panel:
Separation between the same two stars. Top right-hand panel: Accretion rates
of S03-S04 binary in Run G. Clear accretion peaks of S04 are marked with
P1, P2, P3, and P4. Bottom right-hand panel: The peaks except P2 coincide
with the minimum separation and thus have a gravitational origin. P2 takes
place at the apocentre and this is due to the accretion of the gas in a spiral
arm.

10~* (Run H) the total mass is 203 M. As in Halo 2, the case with
LW irradiation and weak X-ray background (Run G) has a greater
total mass (539 Mg) due to the delay formation.

The protostars in Halo 3 also grow periodically as in Run A. To
better demonstrate the physical mechanism, in Fig. 9 we plot the
accretion rates and separations of selected binaries in Run F and

MNRAS 521, 5334-5353 (2023)

Run G. For Run F, the accretion rate of S10 (blue) shows multiple
peaks with the clearest ones between ¢ ~ 40 kyr and 60 kyr. We
marked them with P1, P2, and P3 in the top left-hand panel. They
have the same period and are in phase as the orbital separation: the
peak accretion happens at the minimum separations in an eccentric
orbit (bottom left). We thus conclude that the accretion is modulated
by the tidal interaction of the mini-discs as discussed in Section 3.2.
This periodic behaviour, however, is less pronounced for SO1 (red)
because the companion (S10) and its circumstellar disc are smaller
in mass and therefore the tidal force on the SO1 disc is weaker. The
other binary (S03-S05) in the same simulation evolves similarly.
Binary stars in Run G behave similarly and an example is shown
in the right-hand panels. Three peaks (P1, P3, and P4) take place at
the minimum separations meaning the sink growth is driven by the
interaction between discs. Interestingly, P2 happens at an apocentre
of the orbit. At this time S04 passes through a spiral arm feature and
therefore accretes the gas in it. As aforementioned, a boost of the
accretion onto the bigger star (S03) is not clear because of the low
mass of the companion (S04). Also in Run H, the interaction in an
eccentric binary boosts the gas accretion periodically, however, the
periodic accretion does not last long as the accretion rate drops to
~107° Mgyr~! in ~40 kyr.

Outward migration. As in Halo 2, most of the stars migrate outward
in Halo 3. One exception is S11 in Run D (magenta, the bottom panel
of Fig. 8). Forming at 2 x 10* AU, it migrates inward and finally
merges with S10 after 10 kyr from its formation. Another distinct
feature of Halo 3 is star formation in the proximity of Lagrange
points L4 and L5 around the main binary. Using hydrodynamics
simulations, several authors (Lyra et al. 2009; Montesinos et al.
2020) showed that gas and dust in protoplanetary discs accumulate
at L4 and LS.

4 EFFECT OF HD COOLING

The effect of HD cooling kicks in at about 7' ~ 150 K. The
temperature of primordial gas may not reach this threshold with H,
cooling alone (Paper I). However, additional ionization by cosmic
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Figure 10. Top left-hand panel: Phase diagram of Run E (solid line) and Run
E_noHD (dashed line). In the former, the temperature drops to 92 K thanks
to HD cooling. Top right-hand panel: The ratio of the enclosed mass (M(r))
to Bonner—Ebert mass (Mgg; Ebert 1955; Bonnor 1956). The peak radius is
defined as the characteristic radius of the cloud. Due to the additional cooling
in Run E the cloud is smaller in size. Bottom left-hand panel: Accretion rate.
The smaller size results in a lower accretion rate. Bottom right-hand panel:
Total mass in sinks. Due to the reduced cloud size the sinks in Run E are
smaller in mass.

rays (Nakauchi et al. 2014), X-rays (Jeon et al. 2014; Hummel et al.
2015; Paper 1), or star formation in relic HII regions (Ricotti et al.
2001), may enhance H, abundance and reduce the gas temperature
enough to trigger HD cooling and thereby reduce the typical Pop
III mass scale. As in this work, previous simulations with X-ray
irradiation have taken into account HD formation and cooling (Jeon
etal. 2014; Hummel et al. 2015). However, in this section we quantify
its importance with respect to the case in which HD is neglected.

In Fig. 10, we compare two simulations with strong X-ray
irradiation in Halo 2 (Run E), including (solid lines) and excluding
(dashed lines) HD chemistry/cooling. The phase diagrams (n versus
T, the top left-hand panel) show that the minimum gas temperature,
Tmin» at n ~ 10* cm™ is reduced by the HD cooling from T, =
161 K to 92 K. Because of the lower gas temperature, HD cooling
reduces the size and mass of the collapsing core (top right-hand
panel) and reduces the gas accretion rate (bottom left-hand panel).
The bottom right-hand panel compares the total mass in Pop III
stars in the simulations with and without HD. Since we run the case
without HD cooling (Run E_noHD) for a relatively short time (~18
kyr), we only compare the masses at early times. The figure shows
a reduction of ~50 per cent of the total mass in Pop III stars, from
95 Mg, to 57 Mg, at 18 kyr.

HD cooling has a small effect also in simulations of Halo 3,
however the decrease of T, and therefore the decrease of the total
mass in stars is weak for Jxp 21 < 1073. Note that T, may be as
low as ~100 K and trigger HD cooling also in the absence of X-ray
irradiation, depending on the collapse history of the halo (e.g. Hirano
et al. 2014; HR15). However, an X-ray background has a systematic
effect in reducing T,y below 100 K, making HD cooling important
in further reducing the temperature and therefore the masses of Pop
IIT stars.
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Figure 11. Total mass of protostars. Top and bottom panels show the results
for Halo 2 and Halo 3, respectively. The simulations with RFB are shown
with solid lines and those without RFB are shown with dashed lines. ‘LW’
indicates the disc is irradiated by a strong LW background.

5 DISCUSSION

Accretion time-scale in X-ray background . To quantify the efficiency
of RFB, we can estimate the star formation time-scale, tsgp =
Mpop3, 1o/ (dM/d1), defined as the final mass of Pop III stars over
the mass accretion rate. According to equation (7), tsr is shorter
for a higher accretion rate, making the final mass of Pop III stars
less sensitive to the accretion rate (i.e. M,y o< (dM/dH)* with o« <
1). In other words, Pop III protostars are more massive in a rapidly
accreting cloud, but their stronger RFB shuts down accretion more
rapidly. In our simulations, we include RFB, hence we can directly
derive Tk and compare our results to HR15.

In Fig. 11, we show the total mass in Pop III stars including
and excluding RFB for Halo 2 and Halo 3 in different X-rays
and LW backgrounds. Because dM/dt and the masses of Pop III
stars decrease when increasing the X-ray background, following the
aforementioned logic, we also expect a monotonic increase of Tgp.
However, this is not observed in all our simulations, suggesting that
Tsg may be determined by another physical parameter in addition to
the strength of RFB.

To be more quantitative in Fig. 12 we plot My, and tgp =
Mina/(dM/dt) as a function of dM/dr estimated from the last snapshot
for the noFB simulations: i.e. dM/dt = Mgn/taaa. We find that
dM/dt estimated from the noFB simulations agrees within a small
scatter with the accretion rate at the characteristic radius (dM/dt|.,)
as defined in HR15. The figure shows that Mg, and tgp in the X-
ray-only (without LW background) simulations are systematically
lower with respect to the empirical relationships in HR15, shown by
the solid blue lines. For this reason, we categorize the simulations
into two groups. Group 1 (Run A, Run C, Run F, and Run G)
consists of zero/weak X-rays and the two simulations including the
LW background, which follow the relationship in HR15 (blue line).
Group 2 (Run B, Run D, Run E, and Run H) consisting of simulations
with moderate-to-high X-ray irradiation (Jxo o1 > 107%), showing
significant discrepancy from the HR15 relationships. The solid red
lines are power-law fits to the data points in Group 2:

dM /dt

0.4
Mﬁual =126 MO <W) ) (8)
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Figure 12. The final mass (top) and star formation time-scale (bottom) in
the fiducial simulations as a function of accretion rate. We categorize the
simulations into two groups: Group 1 and Group 2. Group 1 (cyan) includes
runs with no X-ray background and runs with non-zero LW background and
weak X-rays: Run A, Run C, Run F, and Run G. On the other hand, Group 2
(red) consists of X-ray-only cases. The cyan line is the empirical relationship
in HR15 and Group 1 follows this trend well. The red line is the fit to Group 2.
SF time-scale is defined as Mna1/(dM/df) with dM/dt is defined by Mnai/tfinal
derived in the noFB counterpart of each simulation (see the text for detail).
As in Fig. 11, simulations with LW backgrounds are shown with label ‘LW’.

and

dM /dt

~0.6
=45k e .
¥ o (2.8 x 103 M@yr—l) ©)

We interpret the lower Pop III masses and shorter star formation
time-scales found for Group 2, as due to the effect of X-rays in
reducing the typical masses of protostellar discs (see Paper I). X-
rays increase H, formation and cooling at high densities, reducing
the accretion rate of the collapsing core, but also heats the IGM and
the low-density gas at the outskirt of the halo, thereby somewhat
decreasing the baryon fraction (f;) in the minihalo. For example,
when the central density is 10”7 H cm™* (Fig. 1), f; is close to the
cosmic average (£2,/Q2pm ~ 0.2) if Jxo, 21 S 10~ but it is a factor of
2 to 4 smaller in simulations with Jxg 2; = 1072, depending on the
halo mass. Indeed in our simulations we observe smaller and less
massive discs/cores with strong X-ray irradiation (see also fig. 6 in
Paper II), even when keeping constant dM/dt|., at the critical radius
and therefore the total mass in Pop III stars (see fig. 2 and Paper I).
The smaller discs are more fragile to RFB, therefore the mass growth
is suppressed more rapidly even in presence of a weak RFB from
lower mass protostars.

Initial mass function of Pop III stars. In Paper II we found that
the IMF of Pop III stars can be described as a power law with an
exponential cutoff at high mass:

dN y [ (M >2]
= AM%exp |— s (10)

din M My

where we find o« = 0.49, 1.53 and M., = 229, 61 Mg, for weak and
strong X-ray irradiation, respectively. In strong X-rays, the IMF has
a lower cutoff mass M., and steeper power-law slope « because the
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Figure 13. The IMFs for the runs in Group 1 with weak or no X-ray
background (shaded blue histogram) and Group 2 with stronger X-ray
irradiation (red shaded histogram). We count only Pop III stars that survive
without merging in the last snapshots. We also show the best fits (dashed
lines) using equation (10).

Table 3. Parameters of equation (10).

Paper 1T

X-ray o M A M, Seak
Weak 0.490 229 Mg 0.169 113 Mg
Strong® 1.53 61 Mg 0.00692 53.4 Mg
This work

FB o M A Mpeak
Group | 0.620 188 Mg 0.237 105 Mg
Group 2¢ 1.41 79 Mo 0.012 66 Mo

Note. ¢ Mpeak = Myt /2. b Jx0,21 = 1073, ¢ Ix0,21 = 10~* and
include no LW simulations.

gas cloud becomes less massive and fragmentation is suppressed.
In this work, we find results roughly in agreement with Paper II
as shown in Fig. 13 with fitting parameters given in Table 3. For
comparison, in their galaxy formation simulation Wise et al. (2012)
assumed a Pop III MF with the peak at ~100 Mg, while Susa et al.
(2014) found an MF with a peak at a lower mass (a few x 10 Mg).
The MF in Stacy & Bromm (2013), on the other hand, is flat without
a peak.

Caveats. The IMF and multiplicity of Pop III stars is sensitive to the
assumed resolution. The results of Prole et al. (2022) imply that disc
fragmentation is not fully resolved in our simulations, meaning that
each sink may represent multiple stars. Therefore, if these smaller
mass fragments do not merge with each other, the single-star IMF
might be bottom-heavier and/or with a lower cutoff mass in higher
resolution simulations. However, an X-ray background should still
produce a systematic change of the IMF as the mass of the gas cloud
plays a significant role for the stability of the disc.

Although our results show a clear trend with the intensity of
radiation backgrounds, our statistical sample is small: we only
have eight simulations in two different mini-haloes. As previous
studies showed, Pop III properties are also sensitive to other factors
such as the mass and accretion history of their host haloes (Greif
et al. 2011; Stacy & Bromm 2013; Hirano et al. 2014, 2015)
or different initialization (Wollenberg et al. 2020). Hence, many
more simulations are necessary for statistically robust results. For
a discussion of halo-to-halo variation, we refer the readers to Paper
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I and Paper II in which a large parameter space of LW and X-
ray backgrounds were covered for three different haloes. These
backgrounds regulate H, cooling and therefore Pop III formation
precedes or is delayed with respect to the zero background case. As
each of the three host haloes have different growth histories (see fig. 2
of Paper I), Pop III star formation occurs in different environments.
For example, we found that some simulations do not follow the
general trend due to a recent merger between mini-haloes (see fig.
11 in Paper I). Even with these more stochastic effects, the general
trend from Paper I was clear: reduced Pop III mass and multiplicity
in a stronger X-ray background. Although in this work with RFB the
sample is smaller due to the computational cost of the simulations,
we observe that our simulations follow the same trend. We conclude
that variations due to host halo effects can be important and add
noise to the results, but statistically, on a sufficiently large sample,
the intensity of the radiation backgrounds produce the physically
motivated systematic trends discussed in this and previous papers.

Protostellar variability. As discussed in Section 3.3, Pop III pro-
tostars grow periodically via enhanced gas accretion in an eccentric
orbit. As the luminosity is a function of mass and accretion rate,
Pop III protostars may display variability of their luminosity and
effective temperature potentially on interestingly short time-scales,
perhaps observable by JWST or NRST. We expect when strongly
lensed, the detection of this system is probable like Pop III stars
(Diego 2019) and recent studies of ‘Earendel’ supports this idea
(Welch et al. 2022a, b).

As shown in Fig. 14, individual protostars of about 100 M, cannot
be directly detected by JWST, unless their luminosity is magnified by
a factor ~100 by a gravitational lens. For instance, in the rest-frame
optical filter mg3p, in Run A (bottom left-hand panel) the peak
magnitude is ~34-35, below JWST detection limit (~30—31). The
periodic increase in accretion can bring the star from being bright in
the UV band (effective temperatures T,y ~ 10° K) to a red-supergiant
phase with peak brightness in the optical bands and faint in the UV
(Hosokawa & Omukai 2009; Hosokawa et al. 2010; Hosokawa et al.
2016). Due to the short mean free path of UV photons, typically Pop
III stars can be identified at high-z by nebular line emission: He It
recombination lines and the large equivalent width of the Ly « line
(Oh, Haiman & Rees 2001). However, during the strong accretion
phase, Pop III stars shine in the rest-frame visible at nearly the
Eddington luminosity and in principle the light of the star can be
observed directly. As a reference, a Pop III protostar of mass M at
z = 6 has magnitude map ~ 34-2.5 log;o(M/100 M) in the rest
frame visible when the accretion rate is above the critical threshold
of 1072 My, yr~'. However, the strongly accreting phases are shorter
than the lifetime of the star, hence these objects are relatively rare.

During the bloated phase, the star becomes brighter in red
but fainter in blue due to the low T, therefore the magnitude
reaches mpnws ~ 34 in the rest-frame optical. When observed
with a narrower band filter in the rest-frame UV (F140M, top left-
hand panel) the apparent magnitude actually increases (i.e. the star
becomes fainter) during the strongly accreting phase. In Run F (right-
hand panels) a low-mass star (S10) orbits its massive companion
(S01) and shows a clear variability. In general, S10 is fainter than
SO01 in rest-frame UV due to the lower mass (it has a lower effective
temperature and size), but becomes brighter periodically when is
rapidly accreting (top right-hand panel, Fig. 14). On the contrary,
S10 is brighter than the companion in the rest-frame optical bands
most of the time but still shows periodicity on relatively short time-
scales (bottom right-hand panel).

The periodic modulation of the luminosity due to pericentre
passages depends on the total mass of the binary and separation:

First stars in an X-ray background — 5347

in our simulations it varies on time-scales between several tens
of kyr to a few 100 yr. However this is simply because close
binaries with separation <200 AU are not resolved in our simu-
lations, but we expect that harder Pop III binaries are common as
we find several protostars that artificially merge with each other
due to our sink prescription (see Section C). In addition, as it
can be observed in Fig. 14 (left-hand panel), the magnitude of
the star as it transitions to the supergiant phase can decrease by
7 magnitudes (about a factor of 600 increase in luminosity) in
a few tens of years. Even considering time dilation at z = 6,
such a rapid increase can be observed with a short time base-
line. Note that the star may become bloated on a very short
time-scale but return to its normal size on a longer time-scale
(comparable to the Kelvin—Helmholtz time-scale), not modelled
here.

Possible channels for GW sources. Close Pop III binaries, given
their large masses, are likely to produce IMBH binaries that mya
be sources of gravitational waves detectable by LIGO/VIRGO.
Unfortunately, due to resolution limitations in our simulations we
cannot directly resolve the orbits of binary stars with separations
<200 AU, even though the resolution of the simulations is about
13 AU. This is because, stars are represented by sink particles that
have radii of 8 cells (about 101 AU), and we assumed that any two
sinks with separation <202 AU merge into one. To understand the
behaviour of two stars closer than this threshold, we performed a test
simulation dropping this assumption (see Appendix C). In this test
simulation the stars form close binaries with separations of ~30 and
80 AU. Hence, we expect that such binaries are a common occurrence
in Pop III star systems and once they evolve to binary black holes
(BBHs) with a smaller separation, they can possibly merge and emit
detectable GWs (Liu & Bromm 2020). It is beyond the scope of
this paper to make predictions on the GW emission rate from such
systems.

Wide Pop III star binaries, that are very common in our simula-
tions, can also be potential GW sources. The physical mechanism
allowing this channel of GW emission is dynamical hardening by
other stars (Liu & Bromm 2020) and BBH mergers in wide eccentric
orbits triggered by orbital excitation by field stars (Michaely & Perets
2019, 2020). When a wide eccentric orbit becomes more eccentric
due to an encounter with a field star, the orbit may shrink due to
the GW emission at each pericentre, allowing the BBHs to merge
within a Hubble time. Several of the binaries in our simulations
have rather circular orbits with eccentricities ¢ < 0.2 — 0.3. But
in our small sample of simulations we found some binaries with
large eccentricities, hence such cases are not rare. For instance, the
S01-S02 binary in Run A starts with a large eccentricity (e ~ 0.8)
as shown in Fig. 15, and later e slightly decreases to ~0.7 but we
expect it does not decrease further because there is no gas disc
or Pop III stars to circularize the orbit. Although its eccentricity
and semimajor axis (@ ~ 5000 AU) are lower than the values for
the maximum merger probability of e approaching unity and a ~
10000 AU found by Michaely & Perets (2019) (see their fig. 1 and
table 1), the probability of merger is only a factor of 2 lower than the
maximum value reported by Michaely & Perets (2019) in terms of
the semimajor axis. However, the merger rate increases significantly
for values of e closer to unity than e = 0.9. Nevertheless, we point
out that this channel of GW emission can be important for Pop
IIT star systems given the ubiquitous outward migration and large
eccentricities of the hierarchical binaries found in our simulations.
Clearly, more work is needed to estimate IMBH merger rates at
z = 0 through this channel, and compare it to hard-binary merger
rates.
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Figure 14. Apparent magnitudes of protostars in two JWST NIRCam bands: F140M and F322W2. We assume the protostars emit like a perfect blackbody and
they are at z = 6. With this redshift, the centres of the bands trace the rest-frame non-ionizing UV (~2000 A) and visible light (~4600 A). The left-hand panels
show S01-S02 binary in Run A and the right-hand panels show the stars in the hierarchical binary in Run F. In the latter, SO1 and S10 are in a close binary and

S03-S05 are in the other close binary.
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Figure 15. Top: Separation between SO1 and S02 in Run A. The minimum
and maximum separations are ~1000 and 8000 AU. Bottom: Eccentricity of
the orbit.

6 SUMMARY

Using radiative hydrodynamics simulations we explore the evolution
of Pop III protostars regulated by protostellar radiative feedback. The
initial conditions for star formation are extracted from cosmological
zoom-in simulations of two minihaloes in different X-ray and LW
radiation backgrounds. In this paper, the third in a series, we
implement sink particles, gas accretion and photon injection to model
radiative feedback from protostars. Below we list the key findings
and implications of this study.
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(1) Protostellar feedback suppresses the growth of protostars as in
earlier works (Hosokawa et al. 2011). LW photons photodissociate
H, and increase the gas temperature to a few 10° K in broad bipolar
regions above and below the disc. Ionizing photons are initially
trapped in the vicinity of the stars but eventually also produce
narrower bipolar regions where the ionized gas reaches temperatures
between ~10* and 10° K. Hot gases create an outflow and suppress
the growth of protostars by reversing the gas flow. Feedback has
instead negligible effect on stellar multiplicity during the first 100 kyr.

(ii) Nearly all Pop III star systems are hierarchical, i.e. binaries of
binaries. Most commonly two equal-mass stars form near the centre
of the protostellar disc and migrate outwards. Around these stars two
mini-discs become Toomre unstable and fragment forming binaries
that also migrate outwards. Later on, stars may form at the Lagrange
points L4 and L5 of the system. Afterwards, star formation becomes
more stochastic due to the large multiplicity.

(iii) We show that low-mass Pop III protostars can form when
rapidly ejected from the disc. Although this star has mass ~2 Mg
this result suggests low-mass Pop III star might exist and be detected
in the local universe.

(iv) Another notable result is that often the stars in the disc have
eccentric orbits, leading to a periodic modulation of their accretion
rates and their luminosities (on time-scales that vary between a few
tens of years and several tens of kyr).

(v) Pop III protostars can enter a supergiant phase being bright in
the rest-frame optical bands but faint in the UV due to the periodic
increase in accretion. During this phase, they can be observed with
the JWST directly rather than by nebular line emission. At z = 6,
100 Mg, star has map ~ 34 and this can be above the detection limit
of the JWST if magnified by gravitational lensing.
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(vi) We confirm previous results that a moderate X-ray back-
ground reduces the minihalo mass threshold for star formation, thus
increasing the number of minihalos forming Pop III stars per unit
volume, but this increase is mitigated by a reduction of the typical
masses and multiplicities of the stars. The stellar mass function also
agrees with previous results (Park et al. 2021b) and we confirm the
outward migration of the stars within the protostellar disc for nearly
all the stars.

(vii) We confirm that HD cooling is important in reducing Pop III
star masses in a strong X-ray background.

(viii) From our small set of simulations we derive a relationship
for the typical duration of the accretion phase of protostars due to
their radiative feedback. We find that this time-scale depends not
only on the gas accretion rate (and therefore total mass in Pop III
stars), but also on the protostellar disc mass, that is systematically
smaller for strong X-ray irradiation.

(ix) The common occurrence of eccentric Pop III binaries with
large separation (e ~ 0.8 and a ~ 5000 AU) observed in our
simulations, implies that a new channel for GW emission — binary
black hole mergers through orbital excitation (Michaely & Perets
2019, 2020) — is likely for Pop III systems. Therefore, Pop III
stars may contribute more than previously thought to gravitational
wave signals detected by LIGO/VIRGO observatory. Calculation of
detection rates through this channel is a topic of future work.
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APPENDIX A: RADIATIVE TRANSFER
RECIPES

A1l Importance of X-ray self-shielding

The test results on the effects of X-ray self-shielding are presented
in Fig. A1. We ran a simulation with the same parameters as Run E
but without including X-ray self-shielding (shown in red). We find
that the sink mass is larger between ¢ ~ 15 and 25 kyr when the
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disc is not shielded from the X-ray background. This is consistent
with Hummel et al. (2015) in that the cooling is more efficient
without shielding. The difference, however, is small and the results
converge by t ~ 30 kyr. This small difference can be explained in
the following way. As discussed in Paper I and Paper II properties
of the stars are determined by the mass of the hydrostatic core at
ny ~ 10* H cm™> when the gas is mostly transparent to X-rays
(i.e. shielding is negligible). In Paper II we have shown that X-ray
shielding is important only for strong X-ray irradiation. Although
a moderate X-ray background lowers the critical halo mass for star
formation (Paper I), it is the opposite in an intense X-ray background
where heating by X-rays is the dominant feedback. For strong X-ray
irradiation the gas in a halo can condense only if it is sufficiently
massive (M > Mjeuns. 16m), therefore in this case the halo can be
optically thick to X-rays. This is, in a sense, consistent with Hummel
et al. (2015) who pointed out the dependence of shielding on halo
properties.

A2 Protostar formation recipes

Figs A2 (1a—1d) shows snapshots of Run F with different protostar
formation recipes. Protostars in the low-resolution simulation (top
left-hand panel) show a similar evolution to the ones in Paper I
and Paper II. With a higher spatial resolution (top right-hand panel)
clumps reach higher densities (~10'* H cm™) and fragmentation
becomes more efficient creating more protostars. When sink particles
are used, however, the number of stars is reduced due to sink mergers
(bottom right-hand panel). The change when including RFB is not
prominent as seen in the bottom left-hand panel.

In Fig. A2 (panel 2) we plot the total mass in Pop III stars for the
different recipes shown in the left-hand panel. One notable feature
is that the total mass of the clumps is independent of the spatial
resolution (red and green). The total mass of protostars tracked by
sink particles (blue) is higher than the one for the clumps, suggesting
that the stars in the two methods are not identical. These three cases
all show a linear growth of mass due to the lack of RFB.

A3 Sink formation threshold and radius

In our simulations we want to resolve the Jeans length with at least
N, > 4 cells to avoid numerical fragmentation (Truelove et al. 1997).
Therefore we impose a refinement criterion Ax = A;/N;, with N; =
16. However, when Ax = Ax,,, at the maximum refinement level,
the Jeans length is no longer resolved with N, cells if the density
becomes too large. To avoid this we introduce sink particles that limit

100 ¢ ]
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g b ]
s 60 : |
= 40¢ — w X-ray shielding 1
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Figure Al. Total mass in Pop III stars including (blue line) and excluding
(red line) X-ray self-shielding for Run E (Jxo,21 = 1072). All fiducial runs
include self-shielding.
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Figure A2. Panel (1a)—(1d): Slices of the hydrogen number density of Run F
with different star formation recipes. The figure shows the discs at 7 ~ 24 kyr
since the formation of the first protostar. The four panels show the change
with the improvement of the simulation from the top left-hand panel in the
clockwise direction. (1a): Low resolution with the clump recipe. This setting
is similar to that of Paper I and Paper II. (1b): The spatial resolution is
increased. (1c): Clumps are replaced by sink particles. (1d): RFB is added.
This is the fiducial run. Panel (2): Evolution of the total mass in Pop III stars
for the same four protostar formation recipes as in the left-hand panel.

the increase of the density within their radii 7 = Nk AXpin (nOte
that inside the sinks the grid is always refined to the maximum level).
A sink is formed when the peak density in a gas clump (identified by
a clump finder) is above the critical density, n;,, such that

kpT \ 2 1 12
NSinkAxmin = )"J = (V ) ( ) b (AI)
umpg Gmpynging

where Ngjpx < Ny is an integer. Solving for ngx gives,

4 \* (T/1000 K
Nsink ~ 1.2 x 10? em™ a/ ) ) (A2)
Nsink ) (Axmin/12.6 AU)?

We adopt a value ngy = 10"2 cm™2 in all our simulations, roughly
corresponding to Ngjx = 4, assuming 7' = 1000 K (i.e. we resolve
the Jeans length with 4 cells within the sink radius. As discussed in
Appendix of Paper I our chemistry and cooling implementation are
valid up to n ~ 10" cm™2 and our choice of the density threshold is
well below this limit.
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Figure A3. Dependence of results on the assumed sink radii. The fiducial
value is 8 Ax where Ax = 12.6 AU. Top panel: Total mass in stars as a function
of time. Middle panel: Multiplicity (Nyir) at a given time. Bottom panel: Total
number of sinks that formed in the simulation as a function of time. This total
includes the stars that have disappeared through mergers.

The choice for the value of the sink radius is independent of
the density threshold ngp, but it makes sense to adopt values that
are comparable or multiples of the Jeans length: in our case we
explore the range 4 < Ng;x < 16. As illustrated in Fig. A3 adopting
Nsink = 4 with our sub-sink radiation transfer recipe in A4, reduces
significantly the RFB efficiency with respect to using Ngijpx = 8, 16,
producing a total mass in Pop III stars comparable to the no-FB case.
The total mass in Pop 111 stars for Ng;,x = 8 and Ngjpx = 16 are similar,
but start diverging after 1 ~ 15 kyr as more efficient feedback in the
latter evaporates the gas disc. In our fiducial simulations we adopt
Nsink = 8, but clearly Ngjx is a crucial parameter that determines
the strength of RFB and the spatial resolution of the simulations. In
Fig. A3, we also show the number of stars (middle panel) and the
total number of sinks formed (bottom panel) as a function of time.
During the first ~20 kyr we do not observe significant variations of
multiplicity as a function of the assumed sink radius.

A4 Ionizing and LW photon emission from sink particles

Pop III protostars form at the centre of sink particles, however the
disc structure and dynamics inside the sink are poorly resolved. If
we make a simple estimate of the size Ry (Stromgren radius) of the
H 1 region produced by a massive star at the centre of a sink in which
there is a uniform density n, we must require that Ry is greater than
the sink radius for the ionizing radiation to escape the sink:

13
(i> > ek (A3)

4rnla
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Figure A4. Top: Test runs with different niyj. 0.1ngnk is the fiducial value.
Bottom: Sink mass affected by LW-related physics. The black line shows
mass without a sub-sink recipe (i.e. fese = 1) and HT absorption. Adding
sub-sink recipe (i.e. fese = fwcn, equation (5), red line) and H1 absorption
(blue line) alone reduce RFB and thereby increasing stars’ mass. Considering
both (green line) increases the mass further. We assume that LW radiation is
absorbed by Hj gas in all cases.

where o &~ 2 x 1071973 c¢m3s™! is the recombination rate. Assum-
ing 7= 10* K and an ionizing photon emission rate Q = 107!, we
get n < 108cm™3. This is several orders of magnitude smaller than
the ngnx, hence the ionizing radiation should remain trapped inside
the sink.

However, the gas inside the sink does not have a constant density.
Along the disc plane, the density is comparable to ng, however
above and below the disc plane the density is much lower and, if the
disc is well resolved, around the protostar the disc is thinner due to
the star’s gravity. For this reason, radiation can escape along bipolar
H1regions above and below the disc, while being trapped along the
disc direction. Because the gas structure is poorly resolved inside the
sink we do not inject radiation from the star at the centre of the sink
or uniformly inside the sink particle, as it likely would underestimate
RFB. Instead, we inject the radiation from the star at the surface of
the sink sphere, with flux in the radial direction. We adopt a sub-sink
radiative transfer prescription to take into account the ionizing and
LW radiation absorbed by the gas inside the sink.

Regarding H and He ionizing radiation we fully absorb the radia-
tion for rays where the gas density at the sink radius is higher than
an arbitrary threshold 7, = 0.1 = 10" 'em ™3, since the radiation
would be trapped anyway and we want to avoid photoevaporation of
the disc due to numerical effects. Test results with different density
thresholds are shown in Fig. A4 (left-hand panel). The opening angle
of the bipolar region where ionizing radiation escapes is not sensitive
to the assumed n;,; within the explored range, and the total mass in
Pop III stars do not show any clear trend with the assumed value of
ninj- However, the values of 7y and nyy; should be considered related
parameters because if 7, 1S small, the gas density at the sink surface
may never drop below n;,; and radiation would remain trapped.

For the LW radiation, in addition to a density threshold, we
calculate the column density of the H, gas along rays from the
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Figure AS5. Resolution study. We perform Run A with the maximum AMR
level 15 (fiducial), 16 and 17 (see the legend). The corresponding spatial
resolutions (Axmin) are 12.6, 6.29, and 3.15 AU, respectively. Following
equation (A2) we choose ngnx = 1.0 x 10'2, 4.0 x 10'2, and 1.6 x 103 H
cm3 and fiducial sink radius 8 Axpin. The top panel shows the total mass in
sinks, the middle panel the multiplicity (taking into account mergers of sinks)
and the bottom panel the total number of sinks formed as a function of time.

centre of the sink to the sink surface and we estimate the fraction
of LW photons escaping the sink in each direction due to H, self-
shielding. In Fig. A4 (right-hand panel) we show how the total mass
in sinks changes when including H, self-shielding and absorption
by H1 Lyman series lines (Section 2.6). The escape fraction of LW
photons due to H, self-shielding alone (red line) reduces the amount
of LW photons escaping from the sink surface, thereby weakening
RFB and increasing the total mass in Pop I stars. The feedback effect
also becomes weaker by a comparable amount due to shielding by
HT1 resonant lines alone (blue line). The total mass in Pop III stars
increases further when considering both opacity sources (green line).

A5 Resolution study

Fig. A5 shows the dependence of the total mass (top panel), the
multiplicity, and the total number of sinks (middle and bottom panels)
as a function of time for three simulations with different resolutions
(maximum refinement level, 15, 16, and 17). In agreement with
Prole et al. (2022), we find that the total mass is rather insensitive
to the spatial resolution, while the multiplicity and the total number
of sinks are not convergent but increase with increasing resolution.
We also found the masses of individual stars are reduced as the
resolution increases (not shown here). Naively, we expect that the
IMF in a higher resolution simulation is bottom-heavier and has a
lower cutoff/peak mass than what we found here, although the role of
sink mergers is harder to predict. Even with this caveat, we speculate
that the trends observed with an X-ray background are robust. We
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also carried out a similar resolution study for Run F and, albeit less
pronounced, the results follow a similar trend.

A6 Reduced speed of light approximation

Ignoring recombination, the speed of the ionization front is v; =
Q/(4d?n), where d is the distance from the source. By normalizing
the parameters with typical values relevant to this work, at large
scales we get:

v =279 x 10~%¢ (Q“*> . (A4)

2
do401pc”7

Here, Q45 is the luminosity of the source in units 10*® photon s~!,

do.o1pc 1s the radius of the ionization front in units of 0.01 pc, and
ny is the gas number density in units of 10’cm~>. Therefore at large
distances, assuming Qug ~ 1-10, v; is about a factor of 3 to 30 times
slower than our fiducial value for the reduced speed of light ¢, =
10~3c. We expect the I-front propagation speed to be similar near
the sink particles because the distance decreases but the gas density
increases roughly as ~7~2 near the sink (Larson 1969; Penston 1969),
therefore the ionization front speed only depends on the luminosity
of the source. With our sink radius of ~100 AU (dog1pc ~ 5 X 1072)
and photon injection density threshold 10" H cm™ (n; = 10%), the
ionization front speed is v; ~ 1073 Qusc. Therefore even for Qug
~ 10-100, only relevant when sinks have high mass and accretion
rates, v; ~ 10~*=103¢. All the estimates above for v, are only an
upper limit for the speed, as recombination slows down the ionization
front propagation speed. Indeed we have tested different values of
Crea from 107 '¢c to 107*¢, and did not observe significant effects
on the simulations results. Interestingly the computational cost of
the simulations is not reduced significantly when assuming values of
Creq lower than 1073 ¢, hence we adopted the most conservative cq =
10~3¢.

APPENDIX B: RELATIVE IMPORTANCE OF
EUV VERSUS FUV FEEDBACK

In Fig. B1 we plot the total mass in sinks as a function of time in
runs with different UV feedback. We find FUV (LW, red line) alone
can efficiently reduce the mass unlike in Hosokawa et al. (2016).
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Figure B1. Total mass in sinks in Run F affected by EUV (red), FUV (blue)
and both (black solid). For comparison noFB case is shown in a dashed line.

First stars in an X-ray background 5353

EUV-only simulation shows a similar degree of mass reduction. The
mass is reduced further with the combination of two UV feedback
but this further reduction seems weaker than individual feedback.

APPENDIX C: SINK MERGER

In Fig. C1 we plot the mass in Run E with and without sink merger
(solid and dashed). In the fiducial run, four stars form and merge
to leave two stars. When they merge, they are gravitationally bound
to their companions. In the test run, these stars actually orbit their
companions in close orbits with separations ~40 and 100 AU. The
orbits do not expand but shrink with time possibly due to gravitational
torque by the gas disc (Chon & Hosokawa 2019) and they circularize
with time. RFB in the test run is slightly weaker than the fiducial
case because the luminosity of a protostar is not a linear function
of mass in the model (Hosokawa & Omukai 2009; Hosokawa et al.
2010). Therefore the feedback strength may differ even if the total
mass is the same. Even with this difference, the mass variation is
insignificant. The total masses of the stars at ~22 kyr in the fiducial
and test runs are 63.7 and 66.8 M, respectively. We expect the mass
of stars is not sensitive to the sink merger prescription.
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Figure C1. Top: Masses in Run E with (solid lines) and without (dashed
lines) sink mergers. The multiplicities are 2 and 4, respectively. Individual
sink particles are shown in different colours. Bottom: Binary separations. In
the simulation without mergers the stars form a hierarchical binary.
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